Cloud compression by external shocks is believed to be an important triggering mechanism for gravitational collapse and star formation in the interstellar medium. We have performed MHD simulations to investigate whether the radiative interaction between a shock wave and a small interstellar cloud can induce the conditions for Jeans instability, and how the interaction is influenced by magnetic fields of different strengths and orientation. The simulations use the NIRVANA code in 3D with anisotropic heat conduction and radiative heating/cooling at an effective resolution of 100 cells per cloud radius. Our cloud has radius 1.5 pc, density 17 cm −3 , is embedded in a medium of density 0.17 cm −3 and is struck by a planar Mach 30 shock wave. The simulations produce dense, cold fragments similar to those of Mellema et al. (2002) and Fragile et al. (2004) . We do not find any regions which are Jeans unstable, but do record transient cloud density enhancements of factors ∼10 3 -10 5 for the bulk of the cloud mass which then decline and converge toward seemingly stable net density enhancement factors ∼10 2 -10 4 . Our run with a weak, initial magnetic field (β = 10
INTRODUCTION
Shock waves are a common feature of the interstellar medium (ISM), being generated by diverse astrophysical processes such as jets, supernovae, winds and cloud-cloud collisions. They bring energy back into the ISM, generate turbulence and are important for its structure and evolution. As the ISM itself is generally inhomogeneous, the interaction between shock waves and clouds and clumps should be a common event. Shock compression of interstellar clouds is also believed to be an important triggering mechanism for star formation.
Simulation studies of shock-cloud interactions revealed early on that Rayleigh-Taylor and KelvinHelmholtz instabilities were important and worked to disrupt, fragment and destroy the cloud (e.g. Woodward 1976; Nittmann et al. 1982; Klein et al. 1994) . Early simulations were however typically hydrodynamic without additional physics, often underresolved and in 2D. Adding physics, computational power and occasionally 3D has since revealed a complex interplay between instabilities, magnetic fields, heat conduction and radiative cooling.
Studies containing magnetic fields have shown that magnetic fields can, under some circumstances, limit both instabilities and the creation of vortices (Mac Low et al. 1994; Fragile et al. 2005) , although the wind -cloud study by Gregori et al. (1999 Gregori et al. ( , 2000 hints that perpendicular fields 1 can have the opposite effect. Magnetic fields can also hinder cloud compression by providing internal pressure, or aid it by providing external pressure when draping the cloud (Fragile et al. 2005) . Magnetic fields in 2D simulations are however intrinsically hampered by the geometry. For axisymmetric geometry (spherical clouds) homogeneous initial fields have to be parallel. For slab geometry (infinite, cylindric clouds) initially perpendicular fields come in two types: parallel and perpendicular to the cylindric cloud. This implies either no draping of field lines around the cloud, or draping without the possibility of slipping around the cloud. In 3D simulations no such restrictions apply and one has the additional benefit of less restrictions on the growth modes of instabilities.
Adding heat conduction is important since it enables evaporation and can suppress instabilities by reducing gradients (Orlando et al. 2005 (Orlando et al. , 2008 . Furthermore, heat conduction can be linked to magnetic fields by being limited in directions perpendicular to the field (anisotropic heat conduction), even for dynamically weak fields. To our knowledge only Orlando et al. (2008) has taken this effect into account before us.
Radiative cooling has only been incorporated more recently 2 (e.g. Mellema et al. 2002; Fragile et al. 2004; Orlando et al. 2005 Orlando et al. , 2008 Yirak et al. 2010; van Loo et al. 2007 van Loo et al. , 2010 . Radiative cooling can change the interaction drastically by removing thermal energy and pressure from the shocked cloud material. This may trigger a runaway cooling process ultimately leading to the cloud forming cold, dense and relatively stable condensations that might be susceptible to Jeans instability, possibly leading to subsequent star formation (Mellema et al. 2002; Fragile et al. 2004) . The effectiveness of this process should in turn depend on the influence of other physics, as mentioned above.
The main purpose of this study is to investi-1 In this work parallel and perpendicular initial magnetic fields are defined as fields parallel and perpendicular to the initial shock normal. 2 Radiative cooling in a fluid simulation here refers to actually removing internal energy and assuming an optically thin medium as opposed to simply setting the adiabatic index to an artificially low value just above unity, or using a modified equation of state.
gate whether a radiative interaction between a shock and a small interstellar cloud can induce the conditions for Jeans instability, and how magnetic fields influence the process, including their effect on heat conduction. We do this by modeling the radiative interaction between a planar shock wave and a small interstellar cloud. The study goes beyond earlier simulation studies of shockcloud interaction by being the first to simultaneously combine 3D with magnetic fields, radiative heating/cooling, and magnetic field-dependent anisotropic heat conduction. At the same time we use a relatively high effective resolution of 100 cells per cloud radius using adaptive mesh refinement (AMR). We see this study as the beginning of a larger project to investigate whether supernova remnants (SNRs) can induce the conditions for Jeans instability, and implicitly to gain insights into whether SNRs can trigger star formation.
THEORY AND DEFINITIONS
From the literature we know that the basics of shock-cloud interaction can be understood as follows: A shock wave in the intercloud medium approaches and strikes the cloud, triggering a weak reflected shock wave and a slower transmitted shock that advances into the cloud. As the external, intercloud shock wave outruns the interior one, the cloud finds itself surrounded by a highpressure medium driving transmitted shock fronts into the cloud from all directions, compressing it, until finally meeting in the interior of the cloud.
Before proceeding we define some quantities. We use the notation i=intercloud, c=cloud, 1=preshock and 2=postshock. One of the most important parameters of the interaction is the density ratio χ = n c,1
where n c,1 and n i,1 are the (preshock) densities of the cloud and intercloud medium, respectively. Assuming a non-radiative intercloud shock with a high Mach number M s , it can be shown that the shock velocity in the cloud is approximately (McKee & Cowie 1975) where v i,sh is the intercloud shock velocity. This shock speed leads us to the most important time scale of the interaction, the cloud-crushing time scale τ cc , defined as the approximate time it takes for the transmitted shock wave to reach the center of the cloud, where R c is the cloud radius. During and after the initial shocking of the cloud, the picture rapidly becomes more and more complex with Rayleigh-Taylor (RT) and KelvinHelmholtz (KH) instabilities developing, material being blown off the cloud, and multiple interacting shocks and rarefaction waves. It can be shown though that the most disruptive RT and KH modes, i.e. those with the longest wavelengths, grow on the same time scale τ cc which thus remains the most important time scale of the problem .
The next important definition is the radiative cooling time scale
where k B is the Boltzmann constant, γ is the adiabatic index, L [J s −1 ] is the radiative heating and cooling function, and T c,2 and n c,2 are the temperature and number density of shocked cloud material. We define the cooling length scale l cool which can be interpreted as the distance over which shocked cloud material will cool radiatively (if disregarding heat conduction),
where v c,sh,2 is the velocity of shocked cloud material in the transmitted shock frame. To quantify the influence of heat conduction, we need to define the Field length scale l Field for the shocked cloud material. The Field length scale is that length scale for which the heat conduction time scale equals the radiative cooling time scale, i.e.
where κ is the thermal conductivity (Begelman & McKee 1990) 3 . l Field can be interpreted as the length scale up to which heat conduction dominates over radiative cooling. The importance of these definitions to us is that if both
and
are satisfied, then the shocked cloud material should cool and compress into a dense layer, or shell, closely behind the shock without influence of heat conduction. This is an important limit since such a radiative interaction can trigger runaway cooling and great compression of the cloud without involving gravity. That process can be illustrated by looking at the interaction in phase space, Figure 1 , which contains data relevant for our particular setup (section 3). Initially, the cloud and intercloud mediums are shocked to higher pressures and densities as previously explained. Due to the shape of the cooling function, the shocked cloud medium cools rapidly whereas the shocked intercloud medium does not. Cooling of the shocked cloud material implies that it looses thermal pressure (i.e. downward motion in the figure), which in turn triggers cloud compression by the surrounding, non-cooling and higher-pressure intercloud medium (upward-right motion, as for adiabatic compression). Thus, one would expect the net effect to be that the shocked cloud is drawn toward higher densities (roughly rightward motion 4 ) until reaching radiative equilibrium, ideally at the same pressure as the shocked intercloud medium. This location defines a density n m that we would a priori expect to be the asymptotically highest density that can be produced by a radiative shock-cloud interaction, absent gravity and assuming a constant postshock intercloud pressure. As the figure shows, that same location is also in a region of phase space where, if adding gravity, these final cloud condensations can potentially be Jeans unstable if large enough.
It should be kept in mind of course that the above idealized phase space picture springs from considering selected parts of the thermodynamics and still neglects other influences on the specific thermal energy of mass elements, such as heat conduction and exchange with magnetic/kinetic energy (compression, reflected shocks etc.). The pressure can fluctuate and densities can still temporarily exceed n m . Nonetheless, the interacting material should still in some sense converge toward this picture over time, although the path from shocked cloud to radiative equilibrium in Figure 1 could be very "irregular" rather than a simple isobaric path, if able to reach radiative equilibrium at all.
The picture is also useful for quickly sketching how the late time thermodynamics are influenced by changing fundamental parameters, e.g. increasing the Mach number (the postshock cloud and intercloud pressures increase, and implicitly n m too), or increasing the cloud radius while keeping cloud density and temperature fixed (the Jeans instability line moves toward lower density).
SIMULATION MODEL AND PA-RAMETERS

Code and Additional Terms
We have used the NIRVANA code version 3.5.1, developed by coauthor Udo Ziegler at the Leibniz Institute for Astrophysics Potsdam (AIP) (see e.g. Ziegler 2008 Ziegler , 2011 . NIRVANA is a onefluid, compressible ideal magnetohydrodynamics (MHD) code for 2D and 3D. It is parallelized and uses a second-order accurate Godunov-type scheme. It also uses AMR to achieve higher effective resolution while saving computations. We have used NIRVANA in 3D with AMR on a Cartesian grid to numerically integrate the ideal MHD equations plus terms for anisotropic heat conduction and radiative heating/cooling assuming an optically thin medium.
The anisotropic heat conduction is based on the Spitzer model (Spitzer 1962) and is therefore limited in directions perpendicular to the magnetic field. In summary, we have two heat conductivity coefficients
for directions parallel, κ , and perpendicular, κ ⊥ , to the magnetic field, where B is the magnitude of the magnetic field. Since the Spitzer model breaks down when B → 0 we have chosen to force isotropy for κ ⊥ ≥ κ and therefore calculate the heat flux as
where
andB is the normalized magnetic field vector. In addition to this, all heat flux ultimately saturates according to Cowie & McKee (1977) . The combined radiative heating and cooling function is
where n is the number density, T is the temperature and Γ is a constant radiative heating function (Sánchez-Salcedo et al. 2002; Wolfire et al. 1995) . The radiative cooling function Λ(T ) is obtained by combining the functions used in Sánchez-Salcedo et al. (2002) and Slyz et al. (2005) . It is a piecewise power-law Λ(T ) = C i T βi for 10 different temperature intervals where C i and β i are constants for the respective intervals i.
Lastly, we use an adiabatic equation of state,
where p is thermal pressure, γ is the adiabatic index and ε is the thermal energy density.
Initial Shock-Cloud Model
In overview, the initial setup consists of a cold, dense spherical cloud with mass M c and radius R c embedded in a homogeneous, thin and warm intercloud medium. In addition to this there is a planar shock wave with sonic Mach number M s travelling toward the cloud through the intercloud medium. We define the time t = 0 to be when the intercloud shock touches the boundary of the cloud.
Rather than using a discrete cloud boundary we use the same type of smooth cloud density and temperature profiles as among others Nakamura et al. (2006); Shin et al. (2008) . This means assuming pressure equilibrium and a density profile of the form
where n(r) is the number density at distance r from the cloud center, n i,1 is the number density of the preshock intercloud medium, and n c,1 is the number density at the center of the cloud. The exact densities and temperatures in the intercloud medium (n i,1 , T i,1 ) and the cloud center (n c,1 , T c,1 ) have been chosen such that they are (1) in pressure equilibrium with each other, (2) in radiative equilibrium, (3) are stable with regard to thermal instability 5 (Field 1965) , and (4) have a density ratio of exactly χ = n c,1 /n i,1 = 100, see Figure 1 . Combining these requirements uniquely determines the thermodynamic states of the cloud center and the preshock intercloud medium. It can be noted that the resulting cloud and intercloud phases have values roughly corresponding to the "cold atomic" and the "warm atomic" or "warm ionized" phases of the ISM (Ferrière 2001 , Table I ).
By using Equation 2, the jump conditions and applying Equation 4 to the shocked cloud material we can calculate that we satisfy the criteria expressed in Equations 7 and 8. Our highest expected density at late times is n m = 1.6·10 5 cm −3 .
We have seven simulation runs, distinguished only by their preshock magnetic fields. The fields have been chosen such that the preshock plasma-β takes on values β 1 = {1, 10, 10 3 , ∞} for both parallel and perpendicular magnetic fields, see Table 1 . β 1 = 10 combined with our thermal pressure corresponds to a magnetic field strength of 0.1 nT which can be compared with interstellar magnetic fields which have typical fields strengths of a few times 0.1 nT (Beck 2001; Ferrière 2001 , and references therein).
All parameters mentioned in this section are summarized in Table 2 for a better overview.
Numerical settings
The simulations take place in the preshock frame where the initial cloud is located at the origin and the shock travels in the positive x direc-5 Radiative equilibria where the radiative equilibrium curve, Figure 1 , satisfies (∂L/∂T )p < 0 are unstable with regard to isobaric perturbations (Field 1965, Equation 4b ). tion. Since all our initial configurations are doubly mirror symmetric, one should in principle be able to reduce the simulation domain to only one quadrant of four in the yz plane. Early testing however indicated that keeping only one quadrant sometimes prevented the main cloud condensation, centered on the symmetry axis, from breaking up at later times. We therefore use the full simulation domain.
AMR is controlled by the relative magnitude of first and second numeric derivatives, and a criterion that attempts to resolve the shortest thermally unstable wave modes (Gressel 2009; Field 1965) . However, in practice we can not always resolve these wave modes since ultimately, computational constraints still impose a limit on the maximum number of refinement levels.
The size of the simulation domain, resolution etc. are conveniently summarized in Table 3 . 2 Implicitly refers to an ideally and adiabatically shocked cloud center, i.e. assuming the approximate transmitted shock velocity in Equation 2 and before radiative cooling has taken place.
3 Density integrated over the volume r < R c taking the cloud profile (Equation 16) into account. M ⊙ is the Solar mass.
4 Derived for heat conductivity parallel to magnetic field.
Note.-Independent simulation parameters (upper section) and important values derived from them (lower section). Postshock values, and some variables derived from them, vary slightly since they depend on the magnetic field orientation and strength, which in turn depends on the exact simulation run, see Table 1 .
Resolution considerations
The literature on hydrodynamic, adiabatic shock-cloud interactions recommends a minimum resolution of ∼100 cells/R c Nakamura et al. 2006; Pittard et al. 2009 ). Yirak et al. (2010) however pointed out the need to resolve the cooling length l cool in radiative shockcloud interactions and critized some earlier studies (Mellema et al. 2002; Fragile et al. 2004 ) with strong cooling for being highly underresolved in this regard, leading to reduced cooling and dampened RT and KH instabilities as a consequence thereof. Although this problem is mitigated by our different set of parameter values (e.g. much smaller cloud), due to computational constraints we are still forced to tolerate a somewhat underresolved cooling length of 0.64 cell widths.
Resolution also puts a limit on the highest achievable density since the cloud, a finite mass, can never be compressed into a volume smaller than one cell. By that measure, our chosen resolution implies a highest permitted cloud density scale of M c /(mV cell ) = 5.8·10 7 cm −3 ≫ n m , wherē m is the mean molecular weight and V cell is the volume of the most refined cells.
RESULTS AND DISCUSSION
General remarks
Figures 2 and 3 briefly illustrate what simulation runs can look like in the form of density in cross sections of the domain, evolving over time. The interaction largely proceeds as described in section 2. Further general details can be understood by considering that after the intercloud shock wave passes the cloud it turns toward the symmetry axis behind the cloud. As it reflects on itself it forms the faint, lens-shaped feature visible at t = 0.5τ cc and subsequently gives rise to the locally faster shock waves advancing into the back of the cloud. From the outset, the reflected shocks interact with the (once-shocked) cloud material on the backside, creating the denser structures close to the symmetry axis, visible at t = τ cc . Similarily, when once-shocked cloud material from the cloud face 6 starts flowing around the cloud it eventually comes into contact with the reflected shocks, cre-ating the two diverging arms at the rear of the cloud.
Figures 2 and 3 at t = 0.5τ cc and t = τ cc also illustrate the growth of the abovementioned RT, or RT-like, instability in the thin layer of shockcompressed cloud material on the cloud face. All our runs display this behaviour, with some modifications for runs PE1 and PE0. In PE1 the instability is dampened in the magnetic field (y) direction, whereas in PE0 it has completely vanished in the field direction and is weak or nonexistant across it (z direction). It can be noted that an initially perpendicular field, as opposed to a parallel one, will be enhanced on the cloud face as the cloud material is compressed perpendicular to the field due to both the shock and subsequent cooling. In runs PE0 and PE1 this leads to β ∼ 10 0 -10 −2 in the layer, where β is the plasma beta. This magnetic pressure in turn may influence the instability and limits compression of the shocked cloud material, instead forming a layer of shocked material that is up to ∼4 times thicker in PE0 and PE1 compared to other simulation runs. Overall, we observe much less KH instability than RT but we have not investigated the reasons for this any further.
The perpendicular runs PE0 and PE1 also display cloud material temporarily forming a thin sheet in the approximate xz plane downstream of the main cloud. This stems from magnetic field lines, originally wrapped around the remaining cloud, slipping off of it and in the process compressing material into the current sheet between the opposite field line directions.
The extent of such a sheet can be seen in Figure 3 , t = 1.7τ cc , since the sheet coincides fairly well with the cross section. This in turn can be contrasted with the corresponding xy cross section in Figure 4 where the magnetic field can be seen to wrap around and compress the condensation. Similarily, the effect is still visible at t = 4τ cc .
We observe in every run that as the transmitted shock finally reaches the last parts of the cloud at t = 1.0-1.3 τ cc and the reflected internal shocks dissipate, the shell temporarily coalesces into one main cloud clump that then slowly breaks up to varying degrees and forms small, cold and dense condensations, gradually spreading out in the x direction. Overall, the non-magnetic XINF run generates the most disrupted and chaotic set of condensations whereas magnetized runs, in particular those with perpendicular initial magnetic fields, lead to larger structures and condensations surrounded by a magnetically dominated (β < 1) corona of thinner gas which size grows with the strength of the initial field. The shocked cloud in run PE3 stands out somewhat as being more stable and breaking up later than the cloud in other runs.
The general result resembles that of Orlando et al. (2005) 7 which too forms dense, cooling fragments centered on the symmetry axis and which survive until the end of their simulation run (t = 3τ cc ) although we have much greater density enhancements. The result can also be compared with Mellema et al. (2002) ; Fragile et al. (2004) who both model radiative shock-cloud interactions for large, warm clouds (R c ≃ 100 pc, 2D) exposed to a galactic jet. Both those cases display a multitude of small, cold and dense condensations that have apparently broken free earlier in the process (t ∼ τ cc ) and directly from the fragmenting shell, presumably with the help of much lower τ cool /τ cc values.
On the order of half of the cloud mass reaches the low temperature of 10 K. This corresponds to the radiative equilibrium for the adopted heating and cooling function L(n, T ) in the limit of high densities and high pressures and should thus be the lowest temperature that can occur, see Figure 1. On the one hand this emphasizes that run-away cooling is really effective, but on the other hand it also poses a problem for the ideal MHD model and the Spitzer model (anisotropic heat conduction), both of which assume a sufficient degree of ionization.
Here it could be noted that our implementation of the Spitzer model still reduces to isotropic heat conduction when
(see section 3.1). It follows from this that for our typical densities and values for plasma-β, the heat conduction in the simulation runs is in practice isotropic with a heat conductivity coefficient κ = κ ∝ T 5/2 for temperatures lower than ∼30-100 K, which should be at least qualitatively similar to the behaviour of a realistic heat conduction at those temperatures.
An alternative view of the interaction process is provided by the distribution of mass over phase space, i.e. how mass in the simulation domain is distributed over n-p space and n-p tot space, where n is the number density, p is the thermal pressure, and p tot is the total pressure (thermal+magnetic). A representative example of this is provided in Figure 5 .
We find that even for late times (t > ∼3τ cc ), there is no complete thermal pressure equilibrium. The greatest deviation from an approximate thermal pressure equilibrium at late times is a drop in pressure by a factor 10 1 -10 2 at n ∼ 10 2 -10 3 cm −3
as one moves from lower to higher densities. As we observe this consistently, including in the absence of magnetic fields (run XINF), there is reason to interpret this drop in pressure as being caused by a drop in the cooling time scale when increasing density 8 , as indicated by the overplotted contour lines in Figure 5 , representing constant cooling times. Calculations also support this view. Incidentally, this drop in pressure also might explain the valley at n ∼ 10 2 -10 3 cm −3 observed at late time in the distribution of mass over density in virtually all simulation runs, Figure 7 , t = 4τ cc : It is a density range over which runaway cooling is faster and corresponds to the separation between the corresponding two populations observed in n-p space as examplified by Figure 5 , left panel.
Considering total pressure p tot instead of thermal pressure it becomes clear that in the case of all our perpendicular runs (and very slightly for run PA0) the magnetic pressure helps maintain an unambiguous total pressure equilibrium over several orders of magnitude of density for t > 2.5τ cc , including over the abovementioned thermal pressure drop. This is illustrated in Figure 5 , right panel. In parallel runs PA1 and PA3, magnetic pressure has very little influence except for the highest densities. In principle, this indicates that perpendicular frozen-in magnetic fields may help prevent the runaway collapse of condensations, as cooling can only reduce thermal pressure, and not magnetic pressure. However, we prefer not to put too much emphasis on this given that the total pressure equilibrium that we observe gradually breaks down for higher densities, n > ∼10 3 -10 4 cm −3 , where most of the cloud mass is, and that it is hard to find much support for stronger magnetic fields correlating with less compression at t = 4τ cc in Figures 6 , 7, and 8. One can possibly suspect such a correlation when looking at t = 1.7τ cc , Figure 8 though.
Compression and gravitational instability
The evolution of densities over time is summarized in Figure 6 . All runs follow a similar trajectory. Median density steadily increases until t ∼ 1.5τ cc , just after the transmitted shock reaches the last vestiges of the original cloud (t = 1.0-1.3τ cc ). There it either peaks or plateaus for a short while, and as the main cloud clump breaks up, the median density then declines toward what appears to be a relatively stable state. Figure 7 shows how mass is distributed over densities at t = 1.7τ cc , approximately at the peak (upper panels), and at t = 4τ cc , after the shockcloud interaction proper when the distribution appears to be relatively stable (lower panels). Figure 8 similarily shows the same information in the form of integrated mass above a given density threshold as a function of that density threshold.
In general, at about t = 1.7τ cc number densities reach up to ∼10 6 cm −3 , well above the density n m = 1.6 · 10 5 cm −3 at which postshock intercloud pressure yields radiative equilibrium (see section 2). We have net cloud density enhancements of n/n c,1 = 10 3 -10 5 for most or all of the cloud with some dependence on the magnetic field. Both β 1 = 10 3 runs, in particular PA3, stand out for having distinct distribution peaks at their highest densities, n > 10 5 cm −3 .
At t = 4τ cc cloud densities are lower, but do reach up to almost n m as predicted in section 2. Most cloud material is still more than an order of magnitude less dense than n m which is our first indication that we do not reach Jeans instability at this time (see Figure 1) . Cloud density enhancements are of order n/n c,1 ∼ 10 2 -10 4 for most of the cloud, a factor ∼10 less than at the peak. Again, the β 1 = 10 3 runs stand out for having the highest densities, but if one considers the full picture, including the time evolution of the distribution of mass over density it is clear that the perpendicular run (PE3) more unambiguously represents the highest degree of compression.
We suspect that the reason for this is that the field strength in run PE3 comes closest to the optimal compromise between week internal magnetic pressure and strong enough thermal insulation (anisotropic heat conduction) to prevent evaporation. However, the low temperatures in the condensations implies that thermal insulation due to magnetic fields might not be physically valid unless external to the coldest parts of the condensations. Our implemented heat conduction model already rules out magnetic insulation at the very lowest temperatures when it is effectively isotropic, as previously noted. In addition, the lasting compression may also be related to this cloud's unusual stability (slow break-up).
The abovementioned cloud density enhancements are similar to or higher than most reported values in similar radiative shock-cloud interaction studies; ∼10 3 -10 4 (Mellema et al. 2002; Fragile et al. 2004 To conclusively determine whether the simulation runs have anywhere locally reached conditions for Jeans instability we have used a simple method that has the advantage of having few arbitrary parameters and that can easily be made to work in a parallelized code with AMR such as NIRVANA. We first subdivide the simulation domain into a grid of equally large subdivisions, each one equivalent to a cube of (2 n ) 3 highest-resolution cells for a non-negative integer n, regardless of how the simulation domain is actually refined. We calculate the mass, M sd , and mass-to-Jeans mass ratio, M sd /M J , for each such subdivision, and then register how these subdivisions are distributed over (M sd , M sd /M J ) space. Jeans mass is here defined as
where G is the gravitational constant, and p and ρ are the pressure and mass density in that point within the subdivision that will result in the highest Jeans mass. This procedure is executed multiple times for n = 0, 1, ... , 5. In this manner we can determine whether there is any region close to Jeans instability as measured by M sd /M J and what mass such a region has without assuming any specific length scale. Using this method, we know that conditions for Jeans instability are not reached. Each run separately, reaches at the most M sd /M J ∼ 10 −1 for masses ∼10 −1 M ⊙ somewhere within the time interval t = 1.5-2.3τ cc . The low mass stems from the stretched-out shape of the condensation(s) at the time. For comparison, the original unshocked cloud has a ratio of M c /M J ∼ 3 · 10 −4 .
It can also be noted that the free-fall time
for our cloud densities still only begins to approach the cloud-crushing time scales. At densities of n = 10 4 -10 6 cm −3 this implies τ ff ∼ 1-10 τ cc which can be compared to the duration, ∼0.5τ cc , of peak median densities.
Comparison with SNR-cloud interactions
Using McCray (1987) it can be calculated that the strength of the shock wave we use in our simulations corresponds to a SNR in the SedovTaylor phase (adiabatic phase) at a distance of R b = 26 pc from an originating supernova with energy 10 44 J embedded in our intercloud medium. Since R c ≪ R b , the SNR should appear as an approximately planar shock wave at this distance. However, as opposed to for an idealized planar shock, the postshock pressure behind a blast wave evolves and should vary on a time scale et al. 1987) where v b is the speed of the blast (shock) wave. In order for our simulated shock-cloud interaction to approximate a SNR interacting with a cloud we would have to satisfy the so-called small-cloud approximation,
which is much more constraining than the requirement for merely a planar shock wave, R c ≪ R b . Unfortunately we do not satisfy this criterion since τ p /τ cc ≃ 0.17 for our setup and therefore we can not directly apply our results to SNR-cloud interactions. Equation 21 constitutes a fundamental difficulty in studying the interaction between a SNR and a cloud that is large enough to collapse and form stars, and still small enough to not require modelling the SNR itself. One can show by reformulating Equation 21 as a constraint on cloud mass and combining it with a SNR model (McCray 1987 ) that one can not reasonably tweak the combination of cloud parameters, supernova energy and distance to the supernova (implicitly intercloud shock velocity) to permit shock interactions with clouds larger than one Solar mass within the small-cloud approximation and the Sedov-Taylor phase of the SNR. For an actual SNR interacting with our cloud, the shock wave would weaken as it crushes the cloud, inducing less thermal energy loss and less compression. The decreasing ambient postshock intercloud pressure, required for the runaway cooling and compression process reduces the chances of reaching Jeans instability (see section 2 and Fig-ure 1) . In opposition to this, the postshock intercloud wind in the neighbourhood of the cloud would also decrease over time, reducing cloud fragmentation due to instabilities.
In all, we reckon that a SNR with identical Mach number and interacting with our modelled cloud should be less likely to induce conditions for Jeans instability than our planar shock. Note that the time-dependence of a SNR also implies that a SNR striking a scaled-up cloud is not necessarily much more likely to induce Jeans instability, unless the cloud is close to instability from the outset.
SUMMARY AND CONCLUSIONS
The main purpose of this study is to investigate whether a radiative interaction between a shock and a small interstellar cloud can induce the conditions for Jeans instability and implicitly for star formation, and how magnetic fields influence the process. For that purpose we have modelled a set of radiative interactions between a shock and a cloud using MHD simulations in 3D incorporating anisotropic heat conduction and radiative heating and cooling, but without gravity. We have given special attention to compression and conditions for Jeans instability.
The main findings from the simulations can be summarized as follows:
• Our simulation runs reproduce a transmitted shock followed by a dense and cooling layer. The layer is unstable and fragments in all cases except for a strong perpendicular field (run PE0). As the transmitted shocks meet, reflect and dissipate, the bulk of the cloud coalesces into a main clump which soon thereafter slowly breaks up into smaller but relatively stable, cold, dense condensations, similar to the results of Mellema et al. (2002); Fragile et al. (2004) .
• Densities consistently reach a maximum of n ∼ 10 4 -10 6 cm −3 at t ∼ 1.5-2τ cc (cloud density enhancements of n/n c,1 ∼ 10 3 -10 5 ), during the "main clump phase", to then decline toward a seemingly stable n ∼ 10 3 -10 5 cm −3 (n/n c,1 ∼ 10 2 -10 4 ). These density enhancements are roughly comparable to or greater than similar studies on strongly radiative shock-cloud interactions (Mellema et al. 2002; Fragile et al. 2004 Fragile et al. , 2005 van Loo et al. 2007 ). We are not aware of any study that reaches our very highest density enhancements (n/n c,1 ∼ 10 5 ). On the order of half the cloud mass reaches the lowest permitted temperature 10 K.
• Variations in the initial magnetic field between runs produce median density variations of up to one order of magnitude. Not too strong initial parallel magnetic fields have little influence (β 1 = {10, 10 3 }).
• Run PE3, with an initial magnetic field perpendicular to the shock normal and β 1 = 10 3 , stands out for in particular having higher densities at late times, t > 2τ cc . We suspect that this is due to that magnetic field strength in this run being closest to the optimal compromise between weak internal magnetic pressure that could hinder compression, and sufficiently strong magnetic fields to thermally insulate the condensations, thus preventing evaporation and aiding cooling. More generally, we think the existence of such a compromise to be one reason why we do not observe a simple monotonous relationship between initial magnetic field strength and compression.
• We have used a simple algorithm to search our simulations for compact (cube-shaped) regions of varying size satisfying the conditions for Jeans instability but have found none. The closest we come is M sd /M J ∼ 10 −1 for masses M sd ∼ 10 −1 M ⊙ somewhere within the time interval t = 1.5-2.3τ cc . The low mass stems from the stretched-out shape of the condensation(s) at the time. Free-fall times for densities at that point in time indicate that gravity is on the verge of becoming significant.
We expect that exposing the same cloud to a SNR with the same Mach number as our ideal planar shock would reduce the likelihood of gravitational collapse due to the rapidly decreasing postshock pressure.
Other implicit, but "standard", idealizations of the geometric setup may also play a role, i.e. spherical cloud shape, homogeneous, non-turbulent intercloud medium and an idealized planar shock wave. One may suspect that relaxing these conditions, including working with explicitly non-mirror symmetric shock-cloud geometries, would reveal interactions where the face-side shocks and associated cool, dense shells do not meet almost simultaneously in the same region in the cloud, and are not able to collect the compressed material as effectively, i.e. earlier disruption of condensations compared to our case. Less clean shock reflections also means the shock can not as easily enter the cloud from behind. There are few examples of this in the literature, if excluding shocks interacting with systems of clouds/clumps (Xu & Stone (1995) ; Pittard et al. (2009 Pittard et al. ( , 2010 , all nonradiative, and Mellema et al. (2002) , radiative).
One great difficulty has been the absence of a model that covers the entire temperature range from ∼10 6 K, down to ∼10-100 K and the implicitly lower ionization fractions. We have settled for a one-fluid MHD model without its own chemistry but with extra terms (heat conduction, radiative heating and cooling), and extrapolated to low temperatures. This means that we assume frozen-in magnetic fields and always use the Spitzer model, where the latter assumes a high degree of ionization. With regard to the initial, cold cloud this should not make a difference as it is quickly shock heated before any dynamics take place, but it should be kept in mind when making statements on the later cold, dense cloud condensations. This also represents obvious paths for future improvement, e.g. by incorporating ambipolar diffusion and a proper low-temperature heat conduction model. Similarily, the accuracy of the radiative heating and cooling function at high densities and low temperatures is also in principle a point of concern, partly because it effectively determines the lowest possible temperature and thus highest possible compression.
In general, the problem of shock-cloud interaction is difficult, not only for being beyond detailed analytical study, but also because it intrinsically spans a great range of lengths, densities, and temperatures. This in turn both increases the computational burden and makes it hard to find physical assumptions that are valid over that same great range of values, e.g. regarding ionization degree, heat conduction, radiative cooling/heating, thin intercloud shocks, gravity etc.. Therefore, future progress likely requires improvements on multiple fronts. Natural extensions of this project would be to include self-gravity combined with higher resolution which would better resolve the cooling length and permit greater cloud density increases. For studying the interaction between a SNR and a cloud, one would need an (intercloud) shock model beyond an ideal planar shock wave, in particular for working with more massive clouds which may be desirable.
Nonetheless, we still believe this shock-cloud interaction study, being the first to simultaneously combine MHD in 3D with anisotropic heat conduction and radiative heating/cooling, represents an important step forward compared to earlier shockcloud studies facing similar fundamental problems. This work was supported by the Deutsche Forschungsgemeinschaft through grant ZI 717/4-1. Median cloud density n 0.5Mc is here defined as that number density for which the mass in all n > n 0.5Mc regions integrates to 0.5M c . Left (right) panel: Runs with parallel (perpendicular) fields. For comparison, the initial cloud density is n c,1 = 17 cm −3 . Note that β 1 = ∞ (run XINF) is present in both panels. Note also that the median density only increases after half of the cloud mass has been shocked, ∼0.3τ cc after the intercloud shock encounters the cloud. See the electronic edition of the Journal for a color version of this figure. 
